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Abstract. This manuscript reviews recent applications of the nuclear shell-model for the calculation of
several quantities relevant for the core-collapse supernova dynamics and nucleosynthesis. These include
electron capture rates and neutrino-nucleus cross sections for inelastic scattering. It is shown that electron
capture rates on nuclei dominates over capture on free protons during the collapse leading to significant
changes in the hydrodynamics of core collapse and bounce. Neutrino-nucleus cross sections at supernova
neutrino energies can be determined from precise data on the magnetic dipole strength. The results agree
well with large-scale shell-model calculations, validating this model.

PACS. 21.60.Cs Shell model – 26.50.+x Nuclear physics aspects of novae, supernovae, and other explosive
environments

1 Introduction

Stars with masses exceeding roughly 10 M¯ reach a mo-
ment in their evolution when their iron core provides no
further source of nuclear energy generation. At this time,
they collapse and, if not too massive, bounce and explode
in spectacular events known as type II or Ib/c supernovae.
These explosions mark the formation of a neutron star or
black hole at the end of the life of the star and play a pre-
eminent role in the nucleosynthesis and chemical evolu-
tion of the galaxy. The evolution in the core is determined
by the competition of gravity, that produces the collapse
of the core, and the weak interaction, that determines the
rate at which electrons are captured and the rate at which
neutrinos are trapped during the collapse.

The early phases, known as presupernova evolution,
follow the late-stage stellar evolution until core densities
just below 1010 g cm−3 and temperatures between 5 and
10GK are reached. Stellar evolution until this time re-
quires the consideration of an extensive nuclear network,
but is simplified by the fact that neutrinos need only
be treated as a sink of energy and lepton number. This
is no longer valid at later stages of the collapse: as the
weak interaction rates increase with the increasing den-
sity, the neutrino mean free paths become shorter so that
the neutrinos eventually proceed through all phases of free
streaming, diffusion, and trapping. An adequate handling
of the transitions between these transport regimes neces-
sitates a detailed time- and space-dependent bookkeeping
of the neutrino distributions in the core.
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Advantageously, the temperature during the collapse
and explosion are high enough that the matter composi-
tion is given by nuclear statistical equilibrium without the
need of reaction networks for the strong and electromag-
netic interactions. As the entropy is low during the col-
lapse, the matter composition is dominated by the nuclei
with the largest binding energy for a given Ye (defined as
the number of electrons per nucleon). In order to correctly
determine the evolution of the system a reliable estimate
of the different weak interaction rates on the nuclei present
is necessary [1]. In the early phases of the collapse (pre-
supernova evolution) the main weak interaction processes
are electron/positron capture and β± decays. Later during
the collapse neutrino matter interactions and in particular
inelastic processes are also important. Of these neutrino-
nucleus inelastic scattering is currently not considered in
collapse simulations. The calculation of the different rates
is a challenging problem in nuclear structure. Moreover,
due to the large temperatures and densities present in the
astrophysical environment their calculation presents some
peculiarities that are discussed in the following sections.

2 Presupernova evolution

The main weak interaction processes during the final
evolution of a massive star are electron capture and
beta decays. Its determination requires the calculation
of Fermi and Gamow-Teller (GT) transitions. While the
treatment of Fermi transitions (important only for beta
decays) is straightforward, a correct description of the
GT transitions is a difficult problem in nuclear structure.
In the astrophysical environment nuclei are fully ionized,
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so electrons are captured from the degenerate electron
plasma. The energies of the electrons are high enough
to induce transitions to the Gamow-Teller resonance.
Shortly after the discovery of this collective excitation
Bethe et al. [2] recognized its importance for stellar
electron capture. This process is mainly sensitive to the
location, fragmentation and total strength of the Gamow-
Teller resonance. The presence of a degenerate electron
gas blocks the phase space for the produced electron
in beta decay. Then, the decay rate of a given nuclear
state is greatly reduced or even completely blocked at
high densities. However, due to the finite temperature,
excited states in the decaying nucleus can be thermally
populated. Some of these states are connected by large
GT transitions to low-lying states in the daughter nu-
cleus, which with increased phase space can significantly
contribute to the stellar beta decay rates. The importance
of these states in the parent nucleus for the beta decay
was first recognized by Fuller, Fowler and Newman
(FFN) [3,4,5,6], who coined the term “backresonances”.

Over the years many calculations of weak interac-
tion rates for astrophysical applications have become
available [7,8,9,10,11,12,13]. For approximately 15 years,
though, the standard in the field were the tabulations of
Fuller, Fowler and Newman [3,4,5,6]. These authors cal-
culated rates for electron capture, positron capture, beta
decay and positron emission plus the associated neutrino
losses for all the astrophysical relevant nuclei ranging in
mass number from 21 to 60. Their calculations were based
upon an examination of all available experimental infor-
mation in the mid 1980s for individual transitions between
ground states and low-lying excited states in the nuclei of
interest. Recognizing that this only saturated a small part
of the Gamow-Teller distribution, they added the collec-
tive strength via a single-state representation whose posi-
tion and strength was parametrized using an independent
particle model.

Recent experimental data on GT distributions in
iron group nuclei [14,15,16,17,18,19,20,21], measured in
charge exchange reactions [22,23], show that the GT
strength is strongly quenched (reduced), compared with
the independent-particle-model value, and fragmented
over many states in the daughter nucleus. Both effects
are caused by the residual interaction among the valence
nucleons. An accurate description of these correlations
is essential for a reliable evaluation of the stellar weak-
interaction rates due to the large dependence of the avail-
able phase-space on the electron energy, particularly for
the stellar electron-capture rates [3,24]. The shell model is
the only known tool to reliably describe GT distributions
in nuclei [25]. Indeed, ref. [26] demonstrated that the shell
model reproduces very well all measured GT+ distribu-
tions (in this direction a proton is converted to a neutron,
as in electron capture) for nuclei in the iron mass range
and gives a very reasonable account of the experimentally
known GT− distributions (in this direction a neutron is
converted to a proton, as in β decay). However, the limited
experimental resolution (∼ 1MeV) achieved by the pio-
neering (n, p)-type charge-exchange experiments did not
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Fig. 1. Comparison of the shell-model GT+ distribution (lower
panel) for 51V with the high resolution (d, 2He) data [27]. The
shell-model distribution includes a quenching factor of (0.74)2.

allow for a detailed determination of the fragmentation of
the GT strength in individual states. Very recently, high-
resolution GT+ distributions measured at KVI, via the
(d, 2He) reaction, have become available for two iron group
nuclei, 51V [27] and 58Ni [28]. The experimental data for
51V are compared in fig. 1 with a shell-model calculation
using the KB3G interaction [29].

Several years ago, it was pointed out that the interact-
ing shell model is the method of choice for the calculation
of stellar weak-interaction rates [13,30,31,32,33]. Follow-
ing the work of ref. [25], shell-model rates for all the rele-
vant weak processes for sd-shell nuclei (A = 17–39) were
calculated in ref. [34]. This work was then extended to
heavier nuclei (A = 45–65) based on shell-model calcula-
tions in the complete pf -shell [24,35]. Following the spirit
of FFN, the shell model results have been replaced by ex-
perimental data (energy positions, transition strengths)
wherever available.

Reference [24] compares the shell-model–based rates
with the ones computed by FFN. The shell-model rates are
nearly always smaller than the FFN ones at the relevant
temperatures and densities. The differences are caused
by a reduction of the Gamow-Teller strength (quench-
ing) compared to the independent-particle-model value
and a systematic misplacement of the Gamow-Teller cen-
troid (mean energy value of the Gamow-Teller distribu-
tion) in nuclei depending on the pairing structure. In some
cases, experimental data that were not available to Fuller,
Fowler and Newman, but could be used now, led to sig-
nificant changes.
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Fig. 2. Evolution of the Ye value in the center of a 15 M¯

star (left panel) and a 25 M¯ star (right panel) as a func-
tion of time until bounce. The dashed line shows the evolu-
tion in the Woosley and Weaver models (WW) [36], that use
the FFN rates, while the solid line shows the results using
the shell-model–based weak-interaction rates of Langanke and
Mart́ınez-Pinedo (LMP). The most important nuclei in the de-
termination of the electron-capture rate for the calculations
adopting the shell-model rates are indicated at different times.

To understand the effect of these differences it is illus-
trative to investigate the role of the weak-interaction rates
in greater detail. The evolution of Ye during the presuper-
nova phase is plotted in fig. 2. Weak processes become
particularly important in reducing Ye below 0.5 after oxy-
gen depletion (∼ 107 s and 106 s before core collapse for
the 15 M¯ and 25 M¯ stars, respectively) and Ye begins a
decline which becomes precipitous during silicon burning.
Initially electron capture occurs much more rapidly than
beta decay. As the shell-model rates are generally smaller
than the FFN electron capture rates, the initial reduction
of Ye is smaller in the new models; the temperature in
these models is correspondingly larger as less energy is
radiated away by neutrino emission.

An important feature of the new models is shown in
the left panel of fig. 2. For times between 104 and 103 s
before core collapse, Ye increases due to the fact that beta
decay becomes temporarily competitive with electron cap-
ture after silicon depletion in the core and during silicon
shell burning. This had been foreseen in ref. [37]. The pres-
ence of an important beta decay contribution has two ef-
fects. Obviously it counteracts the reduction of Ye in the
core, but equally important, beta decays are an additional
neutrino source and thus they add to the cooling of the
core and a reduction in entropy. This cooling can be quite
efficient as often the average neutrino energy in the in-
volved beta decays is larger than for the competing elec-
tron captures. As a consequence the new models have sig-
nificantly lower core temperatures than the WW models
after silicon burning. At later stages of the collapse, beta
decay becomes unimportant again as an increased electron
chemical potential drastically reduces the phase space.

We note that the shell model weak interaction rates
predict the presupernova evolution to proceed along a
temperature-density-Ye trajectory where the weak pro-
cesses are dominated by nuclei rather close to stability.
Thus it will be possible, after next generation radioac-
tive ion-beam facilities become operational, to further con-

strain the shell-model calculations by measuring relevant
GT distributions for unstable nuclei by charge-exchange
reaction, where we emphasize that the GT+ distribution
is also crucial for stellar β-decays [31]. Figure 2 identifies
those nuclei which dominate (defined by the product of
abundance times rate) the electron capture during various
stages of the final evolution of 15 M¯ and 25 M¯ stars.
An exhaustive list of the most important nuclei for both
electron capture and beta decay during the final stages
of stellar evolution for stars of different masses is given
in ref. [38].

3 Electron capture during the collapse

Calculations of the reaction rate for electron capture in
the collapsing core requires two components: the appro-
priate electron capture reaction rates and the knowledge
of the nuclear composition. The coupling of electron cap-
ture rates to energy-dependent neutrino transport adds an
additional requirement: information about the spectra of
emitted neutrinos. These spectra can be parametrized us-
ing the prescription of ref. [39]. During the collapse most
of the collapsing matter survives in heavy nuclei as the en-
tropy is rather low [2]. Ye decreases during the collapse due
to electron capture, making the matter composition more
neutron rich and hence favoring increasingly heavy nuclei.
Unlike in stellar evolution and supernova nucleosynthe-
sis simulations, where the nuclear composition is tracked
in detail via a reaction network [40,41], the composition
used in supernova simulations is calculated by the equa-
tion of state, which assumes nuclear statistical equilibrium
(NSE). Typically, the information about the nuclear com-
position provided by the equation of state is limited to
the mass fractions of free neutrons and protons, α parti-
cles and the sum of all heavy nuclei, as well as the identity
of an average heavy nucleus, calculated either in the liquid
drop framework [42] or based on a relativistic mean field
model [43,44]. It should be noted that the most abundant
nucleus is not necessarily the nucleus which dominate elec-
tron capture during the infall phase. For the evaluation of
reaction rates on nuclei, due to the dependence on nu-
clear structure effects, a single nucleus approximation is
not sufficient. It must be replaced by an ensemble average.

Traditionally, in collapse simulations the treatment of
electron capture on nuclei is schematic and rather sim-
plistic. The nuclear structure required to derive the cap-
ture rate is then described solely on the basis of an
independent-particle model for iron-range nuclei, i.e., con-
sidering only Gamow-Teller transitions from f7/2 protons
to f5/2 neutrons [2,45,46,47]. In particular, this model
predicts that electron capture vanishes for nuclei with neu-
tron number N ≥ 40, arguing that Gamow-Teller transi-
tions are blocked due to the Pauli principle, as all possi-
ble final neutron orbitals are already occupied in nuclei
with N ≥ 40 [48]. These nuclei dominate the composi-
tion for densities larger than a few 1010 g cm3. As a conse-
quence of the model applied in previous collapse simula-
tions, electron capture on nuclei ceases at these densities
and the capture is entirely due to free protons. It has been
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pointed out [49] that this picture is too simple and that
the blocking of the Gamow-Teller transitions will be over-
come by thermal excitations which either moves protons
into the g9/2 orbit or removes neutrons from the pf -shell,
in both ways unblocking the GT transitions. According
to the work of ref. [49], due to “thermal unblocking” GT
transitions dominate again for temperatures of the order
of 1.5MeV. A more important unblocking effect, which
is already relevant at lower temperatures is expected from
the residual interaction which will mix the g9/2 and higher
orbitals with the pf shell [50,51].

The calculation of electron capture on nuclei during
the collapse phase requires a model that is able to describe
the correlations and at the same time the high density of
levels that can be thermally populated at moderate ex-
citation energies. Direct shell-model diagonalizations are
not yet possible due to the large model spaces involved.
The calculations can be done using the Shell Model Monte
Carlo approach [52] which allows for the calculation of nu-
clear properties at finite temperature in unprecedentedly
large model spaces. This model complemented with Ran-
dom Phase Approximation calculations for the computa-
tion of the transitions necessary for the determination of
the electron capture rate has been used recently for the
calculation of the relevant rates for nuclei in the mass
range A = 65–112 [51].

Figure 3 compares the electron capture rates for free
protons and selected nuclei along a stellar trajectory taken
from [53]. These nuclei are abundant at different stages of
the collapse. For all the nuclei, the rates are dominated
by GT transitions at low densities, while forbidden tran-
sitions contribute sizably for ρ & 1011 g cm−3. The elec-
tron chemical potential µe and the reaction Q value are
the two important energy scales of the capture process.
For the lowest densities the electron chemical potential
(µe ≈ 6MeV for ρ = 5 × 109 g cm−3) is of the same or-
der than the typical nuclear Q-value. Then, the electron
capture rates on nuclei are very sensitive to the Q-value
and smaller than the rate on protons. For higher densi-
ties the chemical potential grows much faster than the
Q-value and the rate becomes independent of the heavy
nucleus. Due to the much smaller Q-value, the electron
capture rate on free protons is larger than the rates on
the abundant nuclei during the collapse. However, this is
misleading as the low entropy keeps the protons signif-
icantly less abundant than heavy nuclei during the col-
lapse. As the commonly used equations of state [42,43,
44] do not provide any detailed information for the abun-
dances of heavy nuclei, a Saha-like NSE was used for the
calculation of the abundances in refs. [51,54]. Once the
abundances are considered the reaction rate for electron
capture on heavy nuclei (Rh =

∑
i Yiλi, where the sum

runs over all the nuclei present and Yi denotes the num-
ber abundance of species i) dominates over the one of
protons (Rp = Ypλp) by roughly an order of magnitude
throughout the collapse (lower panel, fig. 3) [51,54].

The main consequences of the improved treatment of
electron capture rates on nuclei for the collapse have been
explored in self-consistent one-dimensional neutrino radi-
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Fig. 3. Upper panel: comparison of the electron capture rates
on free protons and selected nuclei as function of density along
a stellar collapse trajectory taken from [53]. Lower panel: the
reaction rates (abundance times rate) for electron capture on
protons (thin line) and nuclei (thick line) are compared as a
function of density along the same stellar collapse trajectory.
The dashed lines (right scale) show the related average energy
of the neutrinos emitted by capture on nuclei and protons.

ation hydrodynamics by the Oak Ridge and Garching col-
laborations [54,55]. With the improved treatment of elec-
tron capture rate on heavy nuclei the total electron cap-
ture rate (heavy nuclei plus protons) is larger than pre-
viously assumed resulting in a smaller value of Ye. This
translates into a smaller size of the homologous core (pro-
portional to Y 2

e ) so that the shock wave, which is gener-
ated at the edge of the homologous core, has to traverse
more material in the new models which appears to make
successful explosions more difficult. However, the reduc-
tion in capture rates for lighter nuclei (A = 45–65, see
sect. 2), which are abundant further out in the core alters
the core profile as well and in fact makes the shock wave
travel to slightly larger radii in the new supernova mod-
els [54]. Nevertheless, the new one-dimensional models do
not explode. However, the changes in entropy and lepton
gradients may significantly alter the location, extent and
strength of the proto-neutron star convection [54,56]. Fig-
ure 4 shows the typical differences between the old super-
nova simulations (without capture on nuclei) and the new
ones for the velocity and Ye core profiles at the moment
of shock formation.
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enclosed mass at bounce for a 15 M¯ model [57]. The thin line
is a simulation using the Bruenn parametrization [45,46,47],
which neglects electron capture rates on nuclei with neutron
number N > 40.

4 Neutrinos in supernova

Neutrinos play an important role in core-collapse super-
nova dynamics and nucleosynthesis. During the collapse
the interaction of neutrinos with matter (mainly elas-
tic scattering with nuclei) leads to neutrino trapping.
Once the neutrinos are trapped, they achieve thermal
equilibrium with matter via inelastic processes. One pro-
cess so far neglected in simulations but that can be rel-
evant for the thermalization during infall [58] is inelas-
tic neutral-current neutrino-nucleus scattering. Neutrino-
nucleus cross sections are also important for the r-process
nucleosynthesis and in the synthesis of certain elements
such as 11B and 19F and 138La by the so-called ν-
process [59]. As the ν-process involves both neutral-
current and charge-current reactions it can provide quite
useful constrains for the supernova spectra of νe and νµ,
ντ neutrinos [60].

Currently no data for inelastic neutrino-nucleus scat-
tering are available (except for the ground state transi-
tion to the T = 1 state at 15.11MeV in 12C). A dedicated
detector at the Oak Ridge spallation neutron source has
been proposed to measure some neutrino-nucleus cross
sections relevant for core-collapse supernova (mainly in
the iron mass range) [61]. To sharpen the experimental
program at this facility and to improve supernova simu-
lations, inelastic neutrino-nucleus cross sections should be
incorporated into the supernova models. Based in shell-
model (for the GT transitions) and RPA calculations (for
the forbidden transitions) we have recently calculated the
required cross sections for around 50 nuclei in the iron
mass range [62]. The theoretical calculations can be con-
strained by precise M1 data, obtained by inelastic elec-
tron scattering, as they supply the required information
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Fig. 5. Neutrino-nucleus cross sections calculated from the
M1 data (solid lines) and the shell-model GT0 distributions
(dashed). The dot-dashed line shows the cross section once
finite temperature effects are included.

about the GT0 distribution which determines the inelas-
tic neutrino-nucleus cross sections for supernova neutrino
energies [63]. The reason is that for M1 transitions the
isovector part dominates and the spin part of the isovec-
tor M1 operator is proportional to the spin part of the
GT0 operator. Thus, experimental M1 data provides the
needed GT0 information to determine supernova neutrino-
nucleus cross sections provided that the isoscalar and or-
bital pieces present in the M1 operator can be neglected
or removed. This can be easily done as the orbital and
spin M1 responses are well separated energetically and
moreover the orbital part is strongly related to deforma-
tion and suppressed in spherical nuclei, like 50Ti, 52Cr
and 54Fe. These nuclei have the additional advantage that
M1 data exist from high-resolution inelastic electron scat-
tering experiments [64]. We have carried out shell-model
calculations for the GT0 and various components of the
M1 response in these nuclei. The shell-model calculations
reproduce the data rather well [63]. Figure 5 compares
the inelastic neutrino-nucleus cross section for 52Cr (re-
sults for the other two nuclei are available on [63]) com-
puted from the M1 data and the shell-model calculations.
This comparison validates the shell-model as a tool for
the calculation of the relevant supernova neutrino-nucleus
cross sections. This model can then be used for the cal-
culation of the cross sections at the finite temperature in
the astrophysical environment. The main effect of finite
temperature is an enhancement of cross sections for low
energy neutrinos [63,65].
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